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ABSTRACT
Starting from a prestellar core with a size of 1.2×104AU, we calculate the evolution
of a gravitationally collapsing core until ∼ 2000 yr after protostar formation using a
three-dimensional resistive magnetohydrodynamic simulation, in which the protostar
is resolved with a spatial resolution of 5.6×10−3AU. Following protostar formation, a
rotationally supported disk is formed. Although the disk size is as small as ∼ 2−4AU,
it remains present until the end of the simulation. Since the magnetic field dissipates
and the angular momentum is then not effectively transferred by magnetic effects, the
disk surface density gradually increases and spiral arms develop due to gravitational
instability. The disk angular momentum is then transferred mainly by gravitational
torques, which induce an episodic mass accretion onto the central protostar. The
episodic accretion causes a highly time-variable mass ejection (the high-velocity jet)
near the disk inner edge, where the magnetic field is well coupled with the neutral
gas. As the mass of the central protostar increases, the jet velocity gradually increases
and exceeds ∼ 100 km s−1. The jet opening angle widens with time at its base, while
the jet keeps a very good collimation on the large scale. In addition, a low-velocity
outflow is driven from the disk outer edge. A cavity-like structure, a bow shock and
several knots, all of which are usually observed in star-forming regions, are produced
in the outflowing region.
Keywords: accretion, accretion disks—ISM: jets and outflows, magnetic fields—
MHD—stars: formation, low-mass
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Stars are a very important constituent of the universe, and their formation proceeds
through a very large dynamic range of length and time scales. It is important to
resolve the maximum possible range of scales in this process, and follow the interacting
effects of the magnetic field, angular momentum, and magnetic field dissipation. Star
formation has been investigated extensively in both observational and theoretical
works. Recently, observations have showed a dramatic progress in understanding the
star formation process. The very early phase of star formation is being unveiled by
large-sized telescopes such as ALMA. Circumstellar structures such as the infalling
envelope, rotationally supported disk, and outflow driving region around very young
protostars are being spatially resolved (e.g. Sakai et al. 2014; Ohashi et al. 2014; Aso
et al. 2015; Lefloch et al. 2015; Plunkett et al. 2015; Ching et al. 2016; Tokuda et
al. 2016; Pe´rez et al. 2016; Hirota et al. 2017; Bjerkeli et al. 2016; Aso et al. 2017;
Alves et al. 2017; Lee et al. 2017). The new findings by ALMA can constrain the
scenario for star formation that had been constructed mainly based on theoretical
works, because past observations with poor spatial resolution could not resolve the
star-forming sites such as the disk-forming and outflow-driving regions.
Prior to the ALMA era, some possible scenarios for the early phase of the star
formation have been offered and discussed. Since the very early phase of stars or
very small scales around protostars could not be observed, we could not verify which
scenario is most realistic. For example, some researchers claimed that magnetic field
strongly suppresses disk formation and that a Keplerian disk appears only in the
very late stage of the star formation (Mellon & Li 2008; Li et al. 2011, 2014), while
some researchers pointed out that the dissipation of magnetic field promotes disk
formation in the very early stage of star formation (Dapp & Basu 2010; Inutsuka
2012; Tsukamoto et al. 2015a,b; Wurster et al. 2018,b). At present, Keplerian disks
are being observed around Class 0 objects (Tobin et al. 2012; Murillo et al. 2013;
Sakai et al. 2014; Lee et al. 2014; Ohashi et al. 2014; Segura-Cox et al. 2016; Yen
et al. 2017), and thus the disk formation scenario can be constrained. We can now
directly compare observations with theoretical models or numerical simulations, and
thereby construct an accurate star formation scenario.
Here, we simply summarize recent magnetohydrodynamic (MHD) star-formation
simulations that follow the formation of a disk and outflow. Using two-dimensional
ideal MHD simulations, Tomisaka (1998, 2000, 2002) investigated the protostar for-
mation and outflow driving in gravitationally collapsing clouds, showing that outflows
can be generated self-consistently from the magnetized collapse. Subsequently, three
dimensional ideal (Banerjee & Pudritz 2006) and non-ideal (Machida et al. 2007)
MHD simulations were used to investigate the driving mechanism of the low-velocity
outflow and high-velocity jet during the gas collapsing phase, in which the cloud evo-
lution was calculated until formation of a protostar. In the latter study (Machida et
al. 2007), only Ohmic dissipation was considered as non-ideal MHD effects. There are
three non-ideal MHD effects (Ohmic dissipation, ambipolar diffusion and Hall effect).
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The former two (Ohmic dissipation and ambipolar diffusion) weaken magnetic fields
and thus magnetic effects, while the third one (Hall effect) changes the configuration
of magnetic field lines (for details, see Tsukamoto et al. 2015a,b; Wurster et al. 2014,
2016). Recently, the formation of a rotationally-supported disk in the very early ac-
cretion phase was investigated using radiation magnetohydrodynamic (RMHD) simu-
lations that also included the non-ideal MHD effects (Tomida et al. 2015; Tsukamoto
et al. 2015a; Vaytet et al. 2018; Wurster et al. 2018). These multi-dimensional works
resolved the protostar and protostellar environment with sufficient spatial resolution
that one can try to directly compare them with recent high-resolution observations.
However, for these high spatial resolution simulations, there is a problem with
long-term time integration after protostar formation. The typical timescale of self-
gravitating gas is the free-fall time, which is proportional to the inverse square root of
the density i.e., ρ−1/2. The protostar has a density of ρ ∼> 10
−2 g cm−3 (Larson 1969;
Masunaga & Inutsuka 2000), which corresponds to a free-fall time scale of ∼< 10
−3 yr.
On the other hand, the mass accretion (i.e., star formation) lasts for ∼ 105−6 yr, which
roughly corresponds to the free-fall time scale of the initial star forming cloud. Thus,
at least 108−9 time steps of integration are necessary. Note that, in reality, the cal-
culation time step becomes ≪ 10−3 yr because we need to resolve the Alfve´n velocity
crossing time across cells in MHD simulations. Therefore, a considerably high CPU
cost is required to investigate the gas accretion phase following protostar formation,
when spatially resolving the protostar.
Instead of resolving the protostar, a sink cell is commonly used in order to extend the
time scale of integration. In this case, the gas inside the sink radius rsink is removed
and added to the gravitational potential of protostar (Bate et al. 1995; Krumholz et
al. 2004). The sink radius is usually set to rsink ∼> 0.1 − 10AU. The sink technique
enables us to investigate the long-term evolution of star-forming clouds and determine
the final stellar mass or star formation efficiency (e.g., Machida & Hosokawa 2013)
and the morphological evolution of circumstellar disk (Tomida et al. 2017). However,
the structure inside the sink radius is not resolved in such simulations. On the other
hand, the ALMA observations are already resolving a spatial scale of ∼ 1− 10AU in
nearby star-forming regions (e.g., ALMA Partnership et al. 2015). Thus, in order to
directly compare high-resolution observations with simulations, we need to calculate
the cloud evolution without a sink cell. Moreover, in the low-mass star formation
process, a simulation with a sink cell cannot resolve the formation of a nascent disk
and the high-velocity jet that is driven from near the protostar (Machida & Hosokawa
2013; Machida et al. 2014, 2016). Since this study focuses on the early phase of star
formation or the evolution of the nascent disk and the jet driving, we do not describe
in detail the results of various studies that employ a sink cell.
Although researchers could spatially resolve a nascent disk and the jet driving region
in simulations without a sink, there is a difference in time between the simulations
and observations. It is very difficult to observe the protostellar system at a very early
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stage, because the time spent in it is only a small fraction of the total lifetime. Only
a few protostars that have age t ∼< 100 − 1000 yr are confirmed (e.g., Takahashi &
Ho 2012; Takahashi et al. 2012), in which the protostellar age (or time scale) was
estimated from the protostellar outflow (the outflow length is divided by the outflow
speed). On the other hand, it is difficult for a simulation to proceed beyond 1-
10 yr after protostar formation (while resolving the protostar) due to the time step
limitations. As a result, in many such simulations, the calculation was stopped within
∼< 1 − 10 yr after protostar formation (Tomisaka 2002; Banerjee & Pudritz 2006;
Machida et al. 2007; Bate et al. 2014; Tomida et al. 2015; Tsukamoto et al. 2015a;
Vaytet et al. 2018; Wurster et al. 2018).
In a previous paper, using three-dimensional resistive MHD simulations, the cloud
evolution was calculated for 270 yr after protostar formation (Machida 2014, hereafter
Paper I). Here in this paper we study the cloud evolution for ∼ 2000 yr after protostar
formation. This allows us to reach an age for which the simulation can be directly
compared with recent observations of very young systems.
Our paper is structured as follows. The initial conditions and numerical method
are described in §2. The calculation results are shown in §3. We discuss the disk
formation and parameter dependence in §4. A summary is presented in §5.
2. INITIAL CONDITION AND NUMERICAL METHOD
The initial settings and numerical methods are the same as those described in Paper
I. The difference between Paper I and this study is in the duration of time integration.
We calculated the cloud evolution for ∼ 270 yr after protostar formation in Paper I,
while we integrate to ∼ 2000 yr in this study, revealing qualitatively new features
of early protostellar disk and outflow evolution. This additional cloud evolution
required ∼> 2 years of wall-clock-time (or ∼> 70, 000 hours of CPU time). Since the
initial settings and methods were described in Paper I and our previous papers, we
briefly describe them in this section.
The initial state is a spherical cloud having a Bonnor-Ebert density profile, in which
the central number density n0 and isothermal temperature Tiso are adopted to be
n0 = 6 × 10
5 cm−3 and T0 = 10K. The cloud has a mass Mcl = 1.7M⊙ and a radius
Rcl = 1.2 × 10
4AU. Note that we used twice the critical Bonnor-Ebert radius, and
enhanced the cloud density by a factor of 1.5 to realize a gravitationally unstable
state (Machida & Hosokawa 2013; Matsushita et al. 2017). Furthermore, we imposed
a rigid rotation (Ω0 = 1.1×10
−13 s−1) and uniform magnetic field (B0 = 4.5×10
−5G)
to the prestellar cloud. The ratio of magnitudes of rotational to gravitational energy
is β0 = 0.02. The mass-to-flux ratio normalized to the critical value and estimated for
the whole cloud (i.e., the region r ≤ Rcl) is µ0 = 1.2
1. Since the prestellar cloud is in
1 The initial condition is the same as in Machida (2014), but the cloud mass and mass-to-flux
ratio are written incorrectly in Machida (2014). The values described in this paper are correct.
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a magnetically supercritical state, it can collapse to form a protostar within several
free-fall time scales.
The calculation is executed with the nested grid code whose details are presented
in our previous papers (e.g., Machida et al. 2004; Machida et al. 2005a,b; Machida
et al. 2007; Machida & Matsumoto 2011c; Machida et al. 2018). In the simulation,
we solve the three-dimensional resistive MHD equations (see eqs. [1]–[4] of Machida
& Matsumoto 2012) with a barotropic equation of state P ∝ ρΓ, in which only
Ohmic resistivity is considered as the non-ideal MHD effect. The coefficient of Ohmic
resistivity was estimated based on Nakano et al. (2002) and described in Machida et
al. (2007, see eq. (10)). The polytropic index Γ is adopted to mimic the thermal
evolution acquired by radiation (magneto)hydrodynamics simulations (Masunaga &
Inutsuka 2000; Tomida et al. 2013), which is described by equation (5) of Machida
(2014). Note that we adjusted the polytropic index Γ only in high-density regions in
order to reproduce the size-mass relation of the protostar (for details, see Machida
2014; Machida & Nakamura 2015).
Our grid has cells (i, j, k) = (64, 64, 32) and mirror symmetry is used at the z = 0
plane. Some levels of the grid are nested and the grid level is represented by l. A
finer grid is embedded in a coarser grid, in which the cell width in the coarser grid
(l = lc) is twice as large as that in the finer grid (l = lc − 1), where lc is the level
of an arbitrary grid. Five grid levels (l = 5) are prepared before the beginning of
the calculation. Then, finer grids are successively generated to ensure the Truelove
condition (Truelove et al. 1997), in which the Jeans length is resolved by at least
16 cells. The coarsest grid has a grid size of L1 = 3.8 × 10
5AU and a cell width of
h1 = 591AU, while the finest grid has L21 = 0.35AU and h21 = 5.6 × 10
−3AU ( =
1.2 R⊙). At the end of the simulation, the maximum density reaches 3 × 10
20 cm−3.
Thus, we cover a large difference in spatial scale and density contrast.
We impose a computational boundary at a distance 16 times larger than the cloud
radius (Rbd = 16Rcl), in order to suppress artificial effects such as reflection of waves
at the boundary. This means that the prestellar cloud is embedded in a large amount
of interstellar medium, which has a density of 1.1× 104 cm−3. In addition, we impose
the gravity (self-gravity plus gravity of the protostar after it forms) only inside the
initial cloud radius r < Rcl. Thus, the interstellar medium only exists to suppress
boundary effects (for details, see Machida & Hosokawa 2013; Machida 2014; Machida
et al. 2018).
3. RESULTS
We calculated the cloud evolution from the prestellar cloud core stage until ∼ 2000
yr after protostar formation. The gravitational collapse occurs in the prestellar core
and the first core forms. Then, the second collapse begins in the first core and a
protostar forms (Larson 1969; Masunaga & Inutsuka 2000). We identify the cloud
evolution before protostar formation as ‘the gas collapsing phase’, and the evolution
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after protostar formation as ‘the gas accretion phase.’ Although we calculated the
gas collapsing phase, we do not comment on it in this paper, and instead focus on the
gas accretion phase following protostar formation. The gas collapsing was thoroughly
investigated in our previous works (e.g. Machida et al. 2005a,b; Machida et al. 2006,
2007; Machida & Matsumoto 2011c; Machida et al. 2018). In this section, we simply
summarize the gas collapsing phase by referring to past works, and then describe the
gas accretion phase with our simulation results.
3.1. Gas Collapsing Phase and Protostar Formation
In this subsection, we overview the cloud evolution during the gas collapsing phase.
The first hydrostatic core forms in the collapsing cloud when the central number den-
sity of the collapsing cloud exceeds ∼ 1010 cm−3 (Larson 1969; Masunaga & Inutsuka
2000; Tomida et al. 2013). Inside the first core, the magnetic field effectively dissipates
because the ionization degree is considerably low (Nakano et al. 2002; Machida et al.
2007). Thus, the magnetic braking becomes ineffective and the first core is supported
partly by rotation (Tomida et al. 2015; Tsukamoto et al. 2015a; Masson et al. 2016;
Wurster et al. 2018). However, the first core is mainly supported by the pressure
gradient force against gravity. After the number density exceeds ∼ 1016 cm−3, the
dissociation of molecular hydrogen induces the second collapse.
When the number density reaches ∼> 10
20 cm−3, a protostar forms in the center of
the collapsing cloud (Tomida et al. 2013). However, a large part of the first core (the
first core remnant) remains around the protostar. Since the first core remnant has
an angular momentum, it evolves into the rotationally supported disk (Bate 1998;
Walch et al. 2009, 2012). Note that the first core remnant does not always evolve into
a rotationally supported disk. For example, if the initial cloud has a strong magnetic
field, no rotationally supported disk appears just after protostar formation (Machida
et al. 2018). Machida & Matsumoto (2011c) showed that the rotationally supported
disk is formed from the first core (remnant) with the size of 0.3 − 10AU, using a
simulation in which the evolution of a cloud with supercritical mass-to-flux ratio was
calculated for ∼ 3 yr after protostar formation (see also Bate 2011).
3.2. Disk Evolution
Figure 1 shows the time evolution of the circumstellar disk in our simulation for
about 2000 yr after protostar formation. 2 The disk gradually increases its size during
tps ∼< 500 yr while the disk keeps its size of ∼ 4AU for tps ∼> 500 yr. Here tps is the
elapsed time after protostar formation, in which we defined the protostar formation
epoch tps = 0 when the central number density reaches nc = 10
18 cm−3. The disk
size roughly corresponds to the size of the magnetically inactive region, where the
2 It should be noted that, in two-dimensional figures, we used physical quantities (e.g., gas density
and velocity) located closest to the z = 0 (or x = 0, y = 0) plane, because there are no physical
quantities exactly on each plane (or on each axis) in our numerical code (see Fukuda & Hanawa 1999;
Matsumoto & Hanawa 2003). Thus, the plotted quantities are slightly detached from the z = 0 (or
x = 0, y = 0) plane by h(l)/2, where h(l) is the cell with of l-th grid. A discontinuity seen in the
grid boundary in two-dimensions is due to the difference in the cell width of each grid.
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magnetic field has dissipated and is not coupled with the neutral gas. Although gas
from the infalling envelope with large angular momentum later falls onto the central
region, the angular momentum is effectively transferred by the magnetic braking in
the outer disk region where the magnetic field is well coupled. This magnetic braking
is effective during the gas accretion phase that lasts for ∼ 105 yr, during which time
the disk cannot grow. As shown in Figure 1, the magnetic braking suppresses the disk
growth and limits the disk size within ∼< 5AU. Thus, a rotationally supported disk
can be sustained only in the magnetic dissipation region that has a size of ∼ 5AU
(for details, see §4.1). It is expected that the disk quickly grows to a size of ∼ 100AU
as the infalling envelope dissipates, and magnetic braking can no longer couple the
disk to material in the envelope with a significant moment of inertia (Machida et al.
2011b). Machida et al. (2011b) showed that an exponential disk growth occurs and
the disk can have a size of ∼> 100AU ∼ 10
4 − 105 yr after protostar formation.
The small-sized disk seen in this simulation is consistent with recent observations
around Class 0 protostars. When the protostar has a mass of < 0.1M⊙ (or in a very
early stage of the gas accretion phase), the disk size is constrained to be < 10AU
(Yen et al. 2017). In other words, if the disk is not detected, the spatial resolution
of the telescope yields an upper limit to the disk size. Our result is also consistent
with recent numerical simulations using a central sink. Zhao et al. (2016, 2018)
showed that a rotationally supported disk does not appear when well-known grain
properties are adopted. Note that, in their study, a rotationally supported disk
appears only when small-sized grains with size of < 0.1µm are artificially removed
from the MRN (Mathis et al. 1977) dust size distribution. The disk does not appear
with the standard MRN distribution that has minimum and maximum dust sizes of
0.005 and 0.25 µm, respectively. This is because the small-size grains, which decrease
the ionization degree and thus enhance the ambipolar diffusion and Ohmic dissipation
rates, are not included. Since they used a central sink of radius 2AU, it is natural to
not capture the disk in the gas accretion phase because the sink radius is comparable
(Zhao et al. 2016, 2018) to or larger (Li et al. 2011, 2014) than the actual disk size
at these times.
Figure 2 shows the structures around the protostar at tps = 2016.8 yr after protostar
formation. Two cavity-like structures along the x-axis can be seen on the large scale
(Fig. 2a). The cavities appear only near the equatorial plane. This kind of cavity has
been seen in some star formation simulations (e.g., Seifried et al. 2011; Krasnopolsky
et al. 2012; Joos et al. 2012; Machida 2014; Matsumoto et al. 2017; Zhao et al.
2018) and is expected to be caused by the magnetic interchange instability. We
confirmed that the magnetic field in the cavity is much stronger than that around
the cavity, which is a clear evidence for the interchange instability (Li & McKee
1996; Tassis & Mouschovias 2005). The cavity (or interchange instability) begins to
develop just after the disk and protostar formation, while it becomes apparent at
tps ∼ 1000 yr. Although the asymmetric structure appears due to the interchange
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instability, the gas can flow into the central region by avoiding the cavities as seen
in Figures 2a and b. Near the protostar, the density increases and the azimuthal
velocity dominates the radial velocity (Figs. 2c and d). Figure 2d shows that spiral
arms develop in the proximity of the protostar due to gravitational instability (for
details, see §4.1). Recent high-spatial resolution simulations have shown that a tiny
rotationally supported disk forms around a very young protostar (Tomida et al. 2013;
Machida 2014; Tsukamoto et al. 2015a; Vaytet et al. 2018). However, there is a
controversy about the further evolution of the disk, i.e., whether or not such a tiny disk
survives for a long duration and grows into a large-sized disk. Our study shows that
a rotationally-supported disk can be sustained for at least ∼ 2000 yr after protostar
formation. Further time integration is necessary to confirm whether the small-sized
disk grows to a large-sized disk observed around older Class 0 or Class I objects.
3.3. High-velocity Jet and Low-velocity Outflow
We describe the mass ejection from the protostar and circumstellar disk in this
subsection. Figure 3 shows the shape of the whole outflowing region (left) and the
structure around the driving region of high-velocity component (right) at the end of
the simulation. The root of the high-velocity flow is located near the surface of the
protostar, which has a size of < 0.1AU (Fig. 3 right). The high-velocity flow gradually
accelerates toward the z-direction and the flow velocity reaches ∼ 100 km s−1. The
outflowing region extends up to ∼ 4000AU during ∼ 2000 yr after protostar formation
(Fig. 3 left). Thus, we can calculate the outflow propagation until the flow reaches
a scale of ∼ 1000AU, while resolving its driving region that has a scale of ∼< 0.1AU.
The difference in the scales between the flow-driving region (< 0.1AU) and the whole
outflowing region (> 103AU) is > 104. The outflow size of > 1000AU is sufficient
to directly compare the simulation with observations. However, it should be noted
that the spatial resolution around the head of the outflow may not be sufficient. As
the outflow evolves, the low-resolution grids cover the region around the head of the
outflow. Thus, we cannot resolve the whole region of the evolved outflow with high
spatial resolution. In addition, we have no clear criteria about the necessary condition
for spatial resolution of the outflow. An investigation of this is a subject for a future
study, but beyond the scope of the present study.
Figure 4 plots the velocity distribution inside the outflowing region in different
spatial scales at the end of the simulation, in which the outflow velocity is repre-
sented by color. In the large (Fig. 4a) and middle (Fig. 4b) scales, the low-velocity
component of ∼< 10 km s
−1 (colored by green) seems to be separated from the high
velocity component of ∼> 10 km s
−1 (colored by red). For convenience, we call the
low-velocity component ‘the low-velocity outflow (or the outflow, vout ∼< 10 km s
−1)’
and the high-velocity component ‘the high-velocity jet (or the jet, vout ∼> 10 km s
−1)’,
respectively.
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The two component flows (the low-velocity outflow and high-velocity jet) are often
seen in MHD simulations of collapsing star-forming cloud cores (e.g., Tomisaka 2002;
Banerjee & Pudritz 2006; Machida et al. 2006; Tomida et al. 2013; Bate et al. 2014).
Since the driving mechanism has been well explained in many past studies, we simply
summarize it. The flows are driven by the magnetic effects and their driving mecha-
nisms are the magneto-centrifugally driven (Blandford & Payne 1982) and magnetic
pressure driven (or magnetic tower; Uchida & Shibata 1985; Lynden-Bell 2003) mech-
anisms, respectively. Past studies have shown that the low-velocity wide-angle flow
(or the outflow) is driven by the first core before protostar formation (or in the gas col-
lapsing phase) and the outer edge of the disk after protostar formation (or in the gas
accretion phase). The magnetic field is well coupled with the neutral gas in the outer
edge of the first core, or outer disk region, where the (low-velocity) outflow is driven.
On the other hand, the magnetic field is not coupled with the neutral gas inside the
disk because the dust grains absorb the charged particles and the ionization degree
becomes extremely low. As a result, no magnetic driven flow appears inside the disk.
However, near the protostar (or disk inner edge), the high gas temperature enhances
the ionization degree, and the magnetic field is again coupled with the neutral gas.
Thus, another magnetic driven flow (i.e., the high-velocity jet) appears around the
disk inner edge. The flow speed roughly corresponds to the Keplerian velocity at its
driving region (Machida et al. 2008b). Thus, two distinct flows (low-velocity outflow
and high-velocity jet) appear, in which one flow is driven by each magnetically active
region (Tomida et al. 2013; Machida 2014).
We can additionally see a higher velocity component (∼> 70 km s
−1) on a very small
scale (Fig. 4c). This component appears in the region just above and below the
protostar, and is directly related to the episodic accretion as described in Machida
(2014). Although we could define this component as ’the third outflow,’ we include
its description into ‘the high-velocity jet’ in order to avoid complicated definitions.
Although two or three distinct flows were seen in some previous MHD simulations
(Tomisaka 2002; Banerjee & Pudritz 2006; Machida et al. 2006; Tomida et al. 2013),
the calculations were stopped before the flows grew sufficiently.
Figure 5 shows the time evolution of the low-velocity outflow and the high-velocity
jet for about 2000 yr after protostar formation. The spatial scale differs in each row.
Following protostar formation (the first column of Fig. 5), the high-velocity jet is
driven from around the protostar (Fig. 5i and m), while it does not catch up with the
head of the low-velocity outflow (Fig. 5a and b). The low-velocity outflow appears
after the first core formation and before the protostar formation, while the high-
velocity jet appears just after protostar formation. Thus, the outflow precedes the jet
in early gas accretion phase. Then, the jet catches up with the outflow in tps ∼< 300 yr
as seen in Fig. 5(b) – (d). Thereafter, the jet pushes out the outflow from the inside
to the outside and creates a low-density cavity (e.g., Fig. 5f and d). Although the
jet speed gradually increases with time, the structure around the protostar does not
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change significantly (Fig. 5m – p). On the other hand, the outflow opening angle
widens with time on a large scale, as seen in Figure 5i–l and Figure 5e – h. The
observations also show that the outflow opening angle widens as the protostellar
system evolves. In addition, a capital ‘X’-like structure (Fig. 5g and h) and cavity
and shell-like structure seen in many observations (Velusamy et al. 2007, 2014) appear
in the simulation.
In Figure 5(d), we can also see a horn-like structure near the equatorial plane and
inside the cavity. The horn is created by the high-velocity jet, while the outer shell
that shapes the large-scale cavity is created by the low-velocity outflow 3. Although
the inner horn may merge with the outer shell in the future, its existence is a proof
of two outflow components.
To clearly see the horn and outflow structures, three dimensional views are presented
in Figure 6. The box scale of Figure 6 is 1500AU, and the iso-density surface of
n = 108 cm−3 is plotted by a red surface that traces the inner (or horn) and outer
cavities above and below the pseudo disk. In addition, the density and velocity
distributions on x = 0, y = 0 and z = 0 are projected on each wall surface. Figure 6b
is the same figure as Figure 6a, but the iso-velocity surface of the low-velocity outflow
(gray, vz = 3 km s
−1) and the high-velocity jet (blue, vz = 30 km s
−1) are added. From
these figures, we can confirm that the inner horn is created by the high-velocity jet
and the outer cavity is created by the low-velocity outflow. Thus, two distinct flows
(outflow and jet) produce the inner and outer cavities as seen in Figure 6a and 5d. The
magnetic field lines are plotted in Figure 6c and d, in which only the viewing angle
(face-on view) is changed in Figure 6d. These figures indicate that the magnetic field
lines are strongly twisted only inside the outflowing region and they are loosely coiled
outside the outflow. Radially directed magnetic field lines outside the low-velocity
outflow have been seen in recent observations (e.g., Alves et al. 2018).
Next, we describe the outflow physical quantities. Figure 7 shows the outflow mass
(Fig. 7a), momentum (Fig. 7b), energy (Fig. 7c) and momentum flux (Fig. 7d) versus
the elapsed time after protostar formation, in which each quantity is estimated with
different threshold velocities. These quantities are calculated as
Mout =
∫
vout>vcri
ρ dV, (1)
Pout =
∫
vout>vcri
ρ voutdV, (2)
Eout =
1
2
∫
vout>vcri
ρ v2outdV, (3)
Fout =
∫
vout>vcri
ρ vout dV
tps
, (4)
3 We define a horn (or horn-like structure) as the object created by the high-velocity jet and
located inside the large-scale cavity that is made by the low-velocity outflow. Some horns can be
seen in Figure 5l. In addition, we use the term ‘X-like structure’ when discussing their morphology
and comparing them with observations.
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where vout is the outflow velocity and the threshold velocities are adopted as vcri = 1,
5, 10, 30, 100 km s−1. The outflow physical quantities shown in Figure 7 are in good
agreement with observations (Wu et al. 2004). Figure 7 also indicates that the
low-velocity component (vout ≤ 1, 5, 10 km s
−1) is more dominant than the high-
velocity component (vout ≥ 30, 100 km s
−1) in each of the above quantities. In Paper
I, the propagation of the high-velocity jet was calculated for only ∼ 200 yr. Since the
low-velocity outflow, which is originally driven by the first core, appears much before
the appearance of the high-velocity jet, we need to calculate the jet propagation for a
much longer time, as done in this paper, in order to evaluate the effect of the jet on the
star formation process. Figure 7 shows that the contribution of the jet is actually not
dominant. Our results indicate that the low-velocity outflow driven by the outer disk
edge contributes relatively more than the jet to the overall star formation process.
As described in §3.4, the low-velocity outflow is responsible for the ejection of a large
mass fraction of the host cloud core, and thereby may affect the determinant of the
star formation efficiency. Since the low-velocity outflow is driven at the disk outer
edge, it has a large radius and wide opening angle by definition. On the other hand,
the high-velocity jet cannot be ignored because it still donates significant momentum
to the low-velocity outflow and to the infalling matter.
3.4. Mass of Each Object
This subsection focuses on the masses of the protostar, disk, and outflow. We did
not use a sink cell. Thus, we need to define each object (the protostar, disk and
outflow) in order to estimate their mass, because there is no clear boundary between
the protostar and its surrounding disk (or outflow).
We define the protostar as the region having a number density of n > 1018 cm−3
and a radial velocity of vr < 1 km s
−1. Note that the latter condition (vr < 1 km s
−1)
was imposed in order to exclude the outflow component. We integrated the mass of
each cell satisfying these conditions, and estimated the protostellar mass Mps.
The disk is defined as the region satisfying the following conditions: (1) the number
density is in the range of 107 cm−3 < n < 1018 cm−3; (2) the azimuthal velocity
is greater than the radial velocity, i.e., vφ > vr,c, where vr,c is the radial velocity
in a cylindrical coordinate system; and (3) the azimuthal velocity is greater than
90% of the Keplerian velocity, i.e., vφ > 0.9 vKep, where the Keplerian velocity is
vKep = (GMps/r)
1/2 4. We integrated the mass of each cell satisfying the conditions
(1) – (3) in order to estimate the disk massMdisk. The outflow massMout is calculated
according to the procedure described in §3.3, in which we adopt vcri = 1 km s
−1. We
note that these criteria were determined to be the most plausible after comparing
various possible criteria with estimates made by eye.
4 The condition (3) does not effectively play a role to identify the disk in the very early gas
accretion phase, because the disk mass is comparable to or exceeds the protostellar mass. The
condition (2) is able to identify the disk in such an early phase (Machida et al. 2010), while the
condition (3) is necessary to determine it in the later phase.
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Figure 8 plots the mass of protostar, disk, and outflow against the elapsed time
after protostar formation. The protostar and outflow increase their mass with time,
while the disk mass does not significantly increase for ∼ 2000 yr. Note that, in
Figure 8, a temporal decrease of the protostellar mass is due to the slight expansion
of the protostellar surface during which a part of the protostellar surface temporarily
decreases to < 1018 cm−3 and is not identified as the protostar. During ∼ 1000
yr after protostar formation (i.e., tps ∼< 1000 yr), the disk is more massive than the
protostar, because a large part of the first core remnant, which has a mass ∼> 0.01M⊙,
becomes the circumstellar disk. Conversely, the protostar has a mass ≃ 0.001M⊙ at
its formation epoch (tps ≃ 0 yr). As seen in Figure 2d, gravitational instability tends
to occur when the disk mass exceeds the protostellar mass (Toomre 1964) and a
significant fraction of the disk gas quickly falls onto the protostar. Therefore, the
protostar increases its mass in a short duration. The mass evolution of protostar and
disk during the early mass accretion phase is well explained in Inutsuka et al. (2010).
Figure 8 also indicates that the rate of increase of the outflow mass is greater
than that of the protostellar mass. As described in §3.3, the outflow opening angle
gradually widens with time. Thus, a large fraction of the infalling gas is swept up by
the (original) outflow which is directly driven from the disk. At tps = 2024 yr, which
corresponds to the end of the simulation, the protostar, disk, and outflow have masses
of Mps = 0.04M⊙, Mdisk = 0.041M⊙, and Mout = 0.12M⊙, respectively. Thus, the
outflow mass (Mout = 0.12M⊙) is greater than the protostellar mass (Mps = 0.04M⊙),
and over half of the infalling material is blown away by the outflow. Therefore, we
infer that the outflow can have an impact in determining the star formation efficiency,
if the high outflow activity lasts until the end of the gas accretion phase (see also
Machida & Hosokawa 2013).
The masses of the protostar and outflow are also the time integrated values of the
mass accretion and outflow rates, respectively. For completeness, we also estimate
the instantaneous mass accretion and outflow rates in the following manner. Both
quantities are calculated on the surface of a grid (Tomisaka 2002; Matsushita et al.
2017). The mass accretion rate is calculated as
M˙acc(lacc) =
∫
surface of level l=lacc grid
ρv · n(< 0) dS, (5)
where n is the normal vector of each surface and we executed the integration only
when v · n < 0 (i.e., inflow). The mass outflow rate is calculated as
M˙out(lout) =
∫
surface of level l=lout grid
ρv · n(> 0) dS, (6)
where we executed the integration only when v·n > 0 (i.e., outflow). In the equations,
we adopted lacc = 21 and lout = 14, respectively. To estimate the mass accretion, we
adopted the finest grid (l = 21, Lbox[l = 21] = 0.36AU) which just covers the proto-
star (Fig. 3 right). On the other hand, we adopted l = 14 (L14 = 46AU) to estimate
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the outflow rate because the outflow driving region extended to ∼ 10AU (Fig. 5).
With this grid level (l = 14), we can roughly trace the outflow directly driven by the
disk, while we may fail to trace the outflowing gas swept up by this outflow. Thus,
the total outflow rate may be underestimated in this analysis. Figure 9 plots the
estimated instantaneous (thin lines) and averaged (thick lines) mass accretion and
outflow rates against the elapsed time after protostar formation. It shows that the
outflow rate is greater than mass accretion rate, especially for tps ∼> 500 yr. This indi-
cates that the gravitational energy released in the accretion process can be efficiently
converted to the kinetic energy of the outflow through the magnetic effect.
In Figure 9, in addition to the mass accretion rate (see §3.2), the mass ejection rate
shows a high time variability, which implies an episodic mass ejection. The density
distribution on the y = 0 plane is plotted in Figure 10, in which the density range
is adjusted to stress the clumps ejected from the central region associated with the
high-velocity jet. In addition to the cavity created by the low-velocity outflow, the
presence of several knots is confirmed in the figure. A recent observation also showed
a clumpy structure of the high-velocity jet in the very young protostellar system
(Matsushita et al. 2019). As described in §3.2, the gravitational instability induces
the intermittent mass accretion, which then drives the episodic jet that is associated
with several knots.
4. DISCUSSION
4.1. Formation of a Rotationally Supported Disk
As described in §3.2, there exist in theoretical studies some controversial issues about
disk formation, i.e., when and how the circumstellar (or rotationally supported) disk
forms (Mellon & Li 2008; Li et al. 2011; Machida et al. 2011b, 2014). Some researchers
pointed out that magnetic braking suppresses disk formation in the early phase of the
star formation, so that the disk is expected to be formed in the later phase of the star
formation (Li et al. 2014). However, in the ALMA era, many circumstellar disks (or
Keplerian disks) have been observed around Class 0 objects (Yen et al. 2017). Thus,
the observations indicate that a circumstellar disk forms in the early gas accretion
phase.
There are two types of theoretical (or simulation) studies about circumstellar disk
formation that include non-ideal MHD effects. A sink simulation is one type, in which
the sink method is used to accelerate the time integration, and the cloud evolution is
calculated for ∼> 10
3 − 104 yr after the sink creation (or protostar formation). In this
type of study, the protostar and the circumstellar region (∼< 1 − 10AU) cannot be
resolved. In addition, the disk formation condition strongly depends on the numerical
settings such as the spatial resolution and sink treatment (Machida 2014). A circum-
stellar disk does not appear at these times when using a large sink radius, while it
does appear if using a sufficiently small sink radius. The second type is a simulation
study without the sink method, in which the protostar is resolved. A rotationally-
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supported disk appears in all of these types of simulations (e.g., Dapp & Basu 2010;
Dapp et al. 2012; Tomida et al. 2013; Machida 2014; Tsukamoto et al. 2015a; Vaytet
et al. 2018; Wurster et al. 2018b). However, since the calculation time step becomes
extremely short, the cloud evolution cannot be calculated for ∼> 1 − 10 yr after pro-
tostar formation. Machida (2014) calculated the cloud evolution for only > 100 yr
after protostar formation while resolving the protostar. In that simulation a disk
with a size of ∼< 2AU was maintained. Our current simulations are better able to
connect simulations and observations because we could calculate the cloud evolution
for ∼ 2000 yr after protostar formation. For even more complete comparisons, future
simulations will need to calculate the disk evolution for an even much longer duration,
while resolving the protostar.
As described in §3.2, the disk is sustained for about 2000 yr after protostar forma-
tion. Mellon & Li (2008) claimed that magnetic braking suppresses disk formation
in the ideal MHD limit, while Machida et al. (2011b) pointed out that disk forma-
tion is possible in the magnetically inactive region where the magnetic field dissipates
by Ohmic dissipation and ambipolar diffusion (see also Dapp & Basu 2010; Dapp
et al. 2012). This study showed that a rotationally-supported disk can be sustained
for at least 2000 yr after its formation, although the disk size is limited to ∼AU
scales. To confirm the effect of the magnetic field and its dissipation, the plasma
beta, i.e., βp ≡ (8piP )/B
2, in which P is the thermal pressure, is plotted at the end
of the simulation in Figure 11. The left panel shows that βp has a peak around
r ≃ 3− 4AU and a high beta region (βp > 10
2) extends from 0.1AU to ∼ 4AU. The
high beta region corresponds to the rotationally-supported disk (compare Fig. 11 left
side with Fig. 2c). The Ohmic dissipation becomes effective in the density range of
1011 cm−3 < n < 1015 cm−3 (Nakano et al. 2002), so the rotationally-supported disk
can exist only in a high-density region where the magnetic field is not coupled with
the neutral gas and magnetic braking therefore becomes ineffective. It is expected
that the disk size gradually increases in a later stage because the massive infalling
envelope, which brakes the disk by accepting its angular momentum, gradually dissi-
pates with time (Machida et al. 2011b). The growth time scale of the disk is estimated
to be ∼ 104 − 105 yr in Machida et al. (2011b). Thus, a further time integration is
necessary to connect this study to simulations with sink cells.
We can also confirm the structure of the outflowing region from the distribution of
the plasma beta. Figure 11b shows the plasma beta on a cut through the y = 0 plane.
The figure indicates that the low-beta region well traces the outflowing region (see
Fig. 3 – Fig. 5). The plasma beta is in the range of βp < 10
−2 in the outflowing region.
Thus, the magnetic pressure is over 100 times larger than the thermal pressure, which
indicates that the magnetic field greatly contributes to the outflow driving. Figure 5
shows two horn-like structures above and below the disk, in which the inner horn
is created by the high-velocity jet driven near the protostar, while the outer horn is
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created by the low-velocity outflow driven by the disk outer region. The horn-like
structures are clearly confirmed also in Figure 11b.
In the magnetically active region where the magnetic field is well coupled with the
neutral gas, the angular momentum is effectively transferred by the magnetic braking
and the outflow. On the other hand, in the magnetically inactive region (inside
the disk), the self-gravity contributes to the angular momentum transfer. To confirm
which effect (Lorentz force or gravity) is dominant in the angular momentum transfer,
we estimated the magnetic and gravitational torques on the equatorial plane at four
different epochs. The magnetic torque is estimated as
Nmag(r) =
∫ r+∆r
r
r ×
[
1
4pi
(∇×B)×B
]
dV, (7)
where ∆r is set to be comparable to the cell width h(l). The gravitational torque is
estimated as
Ngrav(r) =
∫ r+∆r
r
ρ (r × g) dV, (8)
where g is the gravity (self-gravity and gravity of the protostar) at each cell. In
addition, we also estimated the gas pressure (or thermal) torque as
Nth(r) =
∫ r+∆r
r
(r ×∇P ) dV, (9)
where P is the gas pressure. Figure 12 shows the ratio of magnetic to gravitational
torque plotted against the distance from the protostar, in which the ratio of thermal
to gravitational torque only at the end of the simulation is also shown. The disk
morphology corresponding to these four epochs can be seen in Figure 1 (panels a.
c, d and f). We confirmed that, at any epoch, the gas-pressure torque Nth does not
significantly dominate either the magnetic torque Nmag or the gravitational torque
Ngrav. It only rarely dominates other torques by a slight amount at certain radii, as
shown for example by the blue dashed line in Figure 12. Since the contribution of the
thermal torque is not great, we only focus on the magnetic and gravitational torques
in the following discussion.
As the disk morphology evolves (see Fig. 1), the radial pattern of the ratio
Nmag/Ngrav changes quantitatively, but not qualitatively, during the short duration
after protostar formation. Figure 12 indicates that although the ratio Nmag/Ngrav
differs between epochs, the overall tendency remains the same. The ratio Nmag/Ngrav
becomes low around ∼ 1AU, which roughly corresponds to the rotationally-supported
disk where the magnetic field is very weak (the left panel of Fig. 11) and the spiral
structure develops (Fig. 2). On the other hand, the magnetic torque dominates the
gravitational torque in the inner (∼< 0.3AU) and outer (∼> 3AU) disk regions.
In the magnetically inactive region, the angular momentum is not effectively trans-
ferred by the magnetic effects and the gas is supported by the centrifugal force against
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the gravity. Therefore, in this region the surface density gradually increases and grav-
itational instability then occurs to form the spiral structure. The spiral structure is
very effective at creating gravitational torques that then transfer the angular momen-
tum, and a rapid mass accretion is induced. After the rapid mass accretion, the disk
recovers a quiescent phase. The rapid accretion and quiescent phases are repeated
and the episodic mass accretion is realized as seen in Figure 9. The episodic mass
accretion also causes an episodic jet. These episodes of higher accretion represent typ-
ically less than one order of magnitude rise in the accretion rate, and are similar to
the low amplitude flickering seen in long-term simulations of gravitational instability
driven evolution of protostellar disks (Vorobyov & Basu 2006, 2010, 2015). However,
the major bursts of mass accretion rate in those simulations that rise by several orders
of magnitude are not seen in our simulation at these early evolutionary times.
Finally, we discuss the properties of the circumstellar region. In Figure 13, the
azimuthally-averaged density, velocity and magnetic field profiles are plotted against
the distance from the protostar. The density at each epoch suddenly increases around
r ∼ 5AU, where also the radial velocity suddenly drops and the azimuthal velocity
begins to increase (Fig. 13a and b). In addition, the azimuthal velocity is proportional
to ∝ r−1/2 (Fig. 13b) in the range of 0.05AU ∼< r ∼< 5AU. Thus, we consider that
a Keplerian disk exists in this region, which roughly corresponds to the disk-like
structure seen in Figures 1 and 2. In addition, in Figure 13c, the magnetic field in the
range of 0.05AU ∼< r ∼< 5AU is not monotonically increasing as the radius decreases.
This trend is caused by the Ohmic dissipation, which allows a rotationally-supported
disk to form in this magnetically inactive region where magnetic braking is shut off.
4.2. Initial Condition and Cloud Parameters
This study showed that the rotationally-supported disk forms and is sustained for
2000 years after protostar formation. In addition, both a low-velocity outflow and a
high-velocity jet appear in the early phase of star formation. Our results qualitatively
agree with high-resolution observations by ALMA (Sakai et al. 2014; Ohashi et al.
2014; Aso et al. 2015; Pe´rez et al. 2016; Bjerkeli et al. 2016; Alves et al. 2017; Lee
et al. 2017; Matsushita et al. 2019). However, since we only calculated the evolution
of a single cloud core, we cannot conclude that the rotationally-supported disk, low-
velocity outflow and high-velocity jet appear universally in the early star formation
phase.
In this study, we have modeled a spherical cloud with a uniform magnetic field
and rigid rotation as an initial state, in which typical values of the magnetic field
strength and angular velocity were adopted as described in § 2. However, prestellar
cloud cores are expected to have a variety of magnetic field strengths (Crutcher 1999)
and angular velocities (Caselli 2002). Therefore, when we adopt a different cloud
parameter (different magnetic field strength or different angular velocity), we may see
a different evolutionary path of the star formation. For example, when the magnetic
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field is considerably strong and the initial cloud has a subcritical mass-to-flux ratio,
the ambipolar diffusion will play a role in the early gas collapsing phase (Basu &
Mouschovias 1994, 1995a,b) and the rotationally supported disk may not appear
immediately after protostar formation (Machida et al. 2018). In the future, we need
to calculate the cloud evolution while varying the cloud parameters in order to fully
clarify the star formation process. In addition, the initial state adopted in this study
is highly idealized; the initial cloud has a spherical structure without turbulence and
the uniform magnetic field vector is adopted to be parallel to the rotation axis. Here
we have understood the star formation process in a simple setting as a first step.
5. SUMMARY
Using a three-dimensional resistive MHD nested grid code, we calculated the cloud
evolution from a prestellar cloud core until 2000 yr after protostar formation. We do
not use a central sink and the protostar is resolved in our simulation. The following
results are obtained:
• Formation of a rotationally supported disk following protostar formation. The
magnetic field dissipates in a high-density gas region where the magnetic brak-
ing is suppressed and a rotationally-supported disk forms. However, since the
magnetic dissipation region is limited to a small area, the disk does not signifi-
cantly grow and has a size of ∼< 4AU in the very early phase.
• Episodic accretion due to disk gravitational instability. Since the angular mo-
mentum is not efficiently transferred by the magnetic effects in the magnetic
dissipation region, the infalling gas remains in the disk and increases the disk
surface density. Then, the gravitational instability occurs to form the nonax-
isymmetric structure that induces episodic accretion from the disk onto the
protostar.
• Time-variable high-velocity jet caused by the episodic mass accretion. The
episodic mass accretion drives a time-variable high-velocity jet in the proximity
of the protostar. The jet has a well collimated structure on the large scale, while
the jet opening angle widens with time at its base. The jet velocity exceeds
100 km s−1, which is roughly comparable to the Keplerian velocity at the surface
of the protostar.
• Low-velocity outflow encloses the high-velocity jet. In addition to the high-
velocity jet, the low-velocity outflow is driven by the disk outer region. Since
the low-velocity outflow appears before the appearance of the high-velocity jet,
the jet is embedded in the outflow. However, the jet catches up with the outflow
in a short duration because the jet velocity is higher than the outflow velocity.
The outflow and jet create a cavity, shell, and knots that are frequently seen
in observations. The outflow mass, momentum, and kinetic energy of the low-
velocity component dominates that of the high-velocity component. Thus, the
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low-velocity component (or low-velocity outflow) plays a significant role in the
star formation process.
• Suppression of star formation efficiency by the outflow. A large fraction of cloud
mass is blown away by the outflow (low-velocity outflow and high-velocity jet).
At the end of the simulation, the outflow mass is three times greater than the
protostellar mass, which means that the outflow may sufficiently suppress the
star formation efficiency. Although we need a further long-term simulations,
the outflow may give an impact on the star formation process.
We compared our simulation results with observations in this study, both qualita-
tively and in some cases quantitatively. Our simulation can explain many phenomena
that are observed in the early phase of star formation. However, a long-term time
integration and/or parameter survey is necessary to comprehensively understand the
role of magnetic fields in disk and outflow formation during star formation.
ACKNOWLEDGEMENTS
We have benefited greatly from discussions with K. Tomida and T. Nakano.
We also thank the referee for very useful comments on this paper. The present
research used the computational resources of the HPCI system provided by (Cyber
Sciencecenter, Tohoku University; Cybermedia Center, Osaka University, Earth Simu-
lator, JAMSTEC) through the HPCI System Research Project (Project ID:hp160079,
hp170047, hp180001,hp190035). The present study was supported by JSPS KAK-
ENHI Grant Numbers JP17K05387, JP17H02869, JP17H06360 and 17KK0096. Sim-
ulations reported in this paper were also performed by 2017 and 2018 Koubo Kadai
on Earth Simulator (NEC SX-ACE) at JAMSTEC. This work was partly achieved
through the use of supercomputer system SX-ACE at the Cybermedia Center, Osaka
University. SB was supported by a Discovery Grant from the Natural Sciences and
Engineering Research Council of Canada.
REFERENCES
ALMA Partnership, Brogan, C. L., Pe´rez,
L. M., et al. 2015, ApJL, 808, L3
Alves, F. O., Girart, J. M., Caselli, P., et
al. 2017, A&A, 603, L3
Alves, F. O., Girart, J. M., Padovani, M.,
et al. 2018, A&A, 616, A56
Aso, Y., Ohashi, N., Saigo, K., et al.
2015, ApJ, 812, 27
Aso, Y., Ohashi, N., Aikawa, Y., et al.
2017, ApJL, 850, L2
Banerjee, R., & Pudritz, R. E. 2006, ApJ,
641, 949
Basu, S., & Mouschovias, T. C. 1994,
ApJ, 432, 720
Basu, S., & Mouschovias, T. C. 1995a,
ApJ, 452, 386
Basu, S., & Mouschovias, T. C. 1995b,
ApJ, 453, 271
Bate, M. R., Bonnell, I. A., & Price,
N. M. 1995, MNRAS, 277, 362
Bate, M. R. 1998, ApJL, 508, L95
Bate, M. R. 2011, MNRAS, 417, 2036
Bate, M. R., Tricco, T. S., & Price, D. J.
2014, MNRAS, 437, 77
The First Two Thousand Years 19
Bjerkeli, P., van der Wiel, M. H. D.,
Harsono, D., Ramsey, J. P., &
Jørgensen, J. K. 2016, Nature, 540, 406
Blandford, R. D., & Payne, D. G. 1982,
MNRAS, 199, 883
Bonnor, W. B. 1956, MNRAS, 116, 351
Caselli, P., Benson, P. J., Myers, P. C., &
Tafalla, M. 2002, ApJ, 572, 238
Ching, T.-C., Lai, S.-P., Zhang, Q., et al.
2016, ApJ, 819, 159
Crutcher R. M. 1999, ApJ, 520, 706
Dapp, W. B., & Basu, S. 2010, A&A, 521,
L56
Dapp, W. B., Basu, S., & Kunz, M. W.
2012, A&A, 541, A35
Ebert, R. 1955, Z. Astrophys., 37, 222
Fukuda, N., & Hanawa, T. 1999, ApJ,
517, 226
Hirota, T., Machida, M. N., Matsushita,
Y., et al. 2017, Nature Astronomy, 1,
0146
Inutsuka, S.-i. 2012, Prog. Theor. Exp.
Phys., 01A307
Inutsuka, S., Machida, M. N., &
Matsumoto, T. 2010, ApJL, 718, L58
Joos, M., Hennebelle, P., & Ciardi, A.
2012, A&A, 543, A128
Krasnopolsky, R., Li, Z.-Y., Shang, H., &
Zhao, B. 2012, ApJ, 757, 77
Krumholz, M. R., McKee, C. F., & Klein,
R. I. 2004, ApJ, 611, 399
Larson, R. B., 1969, MNRAS, 145, 271
Lee, C.-F., Hirano, N., Zhang, Q., et al.
2014, ApJ, 786, 114
Lee, C.-F., Ho, P. T. P., Li, Z.-Y., et al.
2017, Nature Astronomy, 1, 0152
Lefloch, B., Gusdorf, A., Codella, C., et
al. 2015, A&A, 581, A4
Li, Z.-Y., & McKee, C. F. 1996, ApJ, 464,
373
Li, Z.-Y., Krasnopolsky, R., & Shang, H.
2011, ApJ, 738, 180
Li, Z.-Y., Krasnopolsky, R., Shang, H., &
Zhao, B. 2014b, ApJ, 793, 130
Li, Z.-Y., Banerjee, R., Pudritz, R. E., et
al. 2014, Protostars and Planets VI, 173
Lynden-Bell, D. 2003, MNRAS, 341, 1360
Machida, M. N., Tomisaka, K., &
Matsumoto, T. 2004, MNRAS, 348, L1
Machida, M. N., Matsumoto, T.,
Tomisaka, K., & Hanawa, T. 2005,
MNRAS, 362, 369
Machida, M. N., Matsumoto, T., Hanawa,
T., & Tomisaka, K. 2005b, MNRAS,
362, 382
Machida, M. N., Inutsuka, S., &
Matsumoto, T. 2006, ApJL, 647, L151
Machida, M. N., Inutsuka, S., &
Matsumoto, T. 2007, ApJ, 670, 1198
Machida, M. N., Inutsuka, S., &
Matsumoto, T. 2008b, ApJ, 676, 1088
Machida, M. N., Inutsuka, S., &
Matsumoto, T. 2010, ApJ, 724, 1006
Machida, M. N., Inutsuka, S., &
Matsumoto, T. 2011b, PASJ, 63, 555
Machida, M. N., & Matsumoto, T. 2011c,
MNRAS, 413, 2767
Machida, M. N., & Matsumoto, T. 2012,
MNRAS, 421, 588
Machida, M. N., & Hosokawa, T. 2013,
MNRAS, 431, 1719
Machida, M. N. 2014, ApJL, 796, L17
Machida, M. N., Inutsuka, S.-i., &
Matsumoto, T. 2014b, MNRAS, 438,
2278
Machida, M. N., & Nakamura, T. 2015,
MNRAS, 448, 1405
Machida, M. N., Matsumoto, T., &
Inutsuka, S.-i. 2016, MNRAS, 463, 4246
Machida, M. N., Higuchi, K., & Okuzumi,
S. 2018, MNRAS, 473, 3080
Masson, J., Chabrier, G., Hennebelle, P.,
Vaytet, N., & Commerc¸on, B. 2016,
A&A, 587, A32
Masunaga, H., & Inutsuka, S. 2000, ApJ,
531, 350
Mathis, J. S., Rumpl, W., & Nordsieck,
K. H. 1977, ApJ, 217, 425
Matsushita, Y., Machida, M. N., Sakurai,
Y., & Hosokawa, T. 2017, MNRAS,
470, 1026
Matsushita, Y., Takahashi, S., Machida,
M. N., & Tomisaka, K. 2019, ApJ, 871,
221
Matsumoto, T., & Hanawa, T. 2003, ApJ,
583, 296
Matsumoto, T., Machida, M. N., &
Inutsuka, S.-i. 2017, ApJ, 839, 69
20 M. N. Machida and S. Basu
Mellon, R. R., & Li, Z.-Y. 2008, ApJ, 681,
1356
Murillo, N. M., Lai, S.-P., Bruderer, S.,
Harsono, D., & van Dishoeck, E. F.
2013, A&A, 560, A103
Nakano, T., Nishi, R., & Umebayashi, T.
2002, ApJ, 573, 199
Ohashi, N., Saigo, K., Aso, Y., et al.
2014, ApJ, 796, 131
Pe´rez, L. M., Carpenter, J. M., Andrews,
S. M., et al. 2016, Science, 353, 1519
Plunkett, A. L., Arce, H. G., Mardones,
D., et al. 2015, Nature, 527, 70
Sakai, N., Sakai, T., Hirota, T., et al.
2014, Nature, 507, 78
Seifried, D., Banerjee, R., Klessen, R. S.,
Duffin, D., & Pudritz, R. E. 2011,
MNRAS, 417, 1054
Segura-Cox, D. M., Harris, R. J., Tobin,
J. J., et al. 2016, ApJL, 817, L14
Takahashi, S., & Ho, P. T. P. 2012a,
ApJL, 745, L10
Takahashi, S., Saigo, K., Ho, P. T. P., &
Tomida, K. 2012, ApJ, 752, 10
Tassis, K., & Mouschovias, T. C. 2005,
ApJ, 618, 783
Tobin, J. J., Hartmann, L., Chiang, H.-F.,
et al. 2012, Nature, 492, 83
Tokuda, K., Onishi, T., Matsumoto, T.,
et al. 2016, ApJ, 826, 26
Tomida, K., Tomisaka, K., Matsumoto,
T., et al. 2013, ApJ, 763, 6
Tomida, K., Okuzumi, S., & Machida,
M. N. 2015, ApJ, 801, 117
Tomida, K., Machida, M. N., Hosokawa,
T., Sakurai, Y., & Lin, C. H. 2017,
ApJL, 835, L11
Tomisaka, K. 1998, ApJL, 502, L163
Tomisaka, K. 2000, ApJL, 528, L41
Tomisaka K. 2002, ApJ, 575, 306
Toomre, A. 1964, ApJ, 139, 1217
Truelove, J. K., Klein, R. I., McKee, C.
F., Holliman, J. H., Howell, L. H., &
Greenough J. A. 1997, ApJ, 489, L179
Tsukamoto, Y., Iwasaki, K., Okuzumi, S.,
Machida, M. N., & Inutsuka, S. 2015a,
MNRAS, 452, 278
Tsukamoto, Y., Iwasaki, K., Okuzumi, S.,
Machida, M. N., & Inutsuka, S. 2015b,
ApJL, 810, L26
Tsukamoto, Y. 2016, PASA, 33, e010
Uchida, Y., & Shibata, K. 1985, PASJ,
37, 515
Vaytet, N., Commerc¸on, B., Masson, J.,
Gonza´lez, M., & Chabrier, G. 2018,
A&A, 615, A5
Velusamy, T., Langer, W. D., & Marsh,
K. A. 2007, ApJL, 668, L159
Velusamy, T., Langer, W. D., &
Thompson, T. 2014, ApJ, 783, 6
Vorobyov, E. I., & Basu, S. 2006, ApJ,
650, 956
Vorobyov, E. I., & Basu, S. 2010, ApJ,
719, 1896
Vorobyov, E. I., & Basu, S. 2015, ApJ,
805, 115
Walch, S., Burkert, A., Whitworth, A.,
Naab, T., & Gritschneder, M. 2009,
MNRAS, 400, 13
Walch, S., Whitworth, A. P., & Girichidis,
P. 2012, MNRAS, 419, 760
Wurster, J., Price, D., & Ayliffe, B. 2014,
MNRAS, 444, 1104
Wurster, J., Price, D. J., & Bate, M. R.
2016, MNRAS, 457, 1037
Wurster, J., Bate, M. R., & Price, D. J.
2018, MNRAS, 480, 4434
Wurster, J., Bate, M. R., & Price, D. J.
2018b, MNRAS, 475, 1859
Wu, Y., Wei, Y., Zhao, M., Shi, Y., Yu,
W., Qin, S., & Huang, M. 2004, A&A,
426, 503
Yen, H.-W., Koch, P. M., Takakuwa, S.,
et al. 2017, ApJ, 834, 178
Zhao, B., Caselli, P., Li, Z.-Y., et al. 2016,
MNRAS, 460, 2050
Zhao, B., Caselli, P., Li, Z.-Y., &
Krasnopolsky, R. 2018, MNRAS, 473,
4868
The First Two Thousand Years 21
-4 -2 0 2 4
x [AU] 
-4
-2
0
2
4
y 
[A
U]
  
 
 
  
 
 
  
 
 
  
 
 
-4 -2 0 2 4
x [AU] 
-4
-2
0
2
4
y 
[A
U]
  
 
 
  
 
 
  
 
 
  
 
-4 -2 0 2 4
x [AU] 
-4
-2
0
2
4
y 
[A
U]
  
 
 
  
 
 
  
 
 
  
 
 
-4 -2 0 2 4
x [AU] 
-4
-2
0
2
4
y 
[A
U]
  
 
 
  
 
 
  
 
 
  
 
 
-4 -2 0 2 4
x [AU] 
-4
-2
0
2
4
y 
[A
U]
  
 
  
 
 
  
 
 
  
 
 
-4 -2 0 2 4
x [AU] 
-4
-2
0
2
4
y 
[A
U]
  
 
 
  
 
 
  
 
 
  
 
 
 = 10 [km s-1]
t = 86048.6 [yr](d) tps = 1012.5 [yr] t = 86547.8 [yr](e) tps = 1511.7 [yr] t = 87052.9 [yr](f) tps = 2016.8 [yr]
t = 85550.2 [yr](c) tps = 514.1 [yr]t = 85351.7 [yr](b) tps = 315.6 [yr]t = 85144.4 [yr](a) tps = 108.3 [yr]
12 14 16 18 20log n [cm
-3]
Figure 1. Time evolution of the circumstellar disk. The density (color) and velocity
(arrows) distributions on the z = 0 plane are plotted in each panel. The elapsed time tps
after the protostar formation and the total time t after the initial cloud begins to collapse
are also described in each panel. The spatial scale is the same in the panels.
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Figure 2. The density (color) and velocity (arrows) distributions on the z = 0 plane at
tps = 2016.8 yr. The spatial scale is different in each panel.
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Figure 3. The whole structure of the outflow (left) and the region around the protostar
(right) at the end of the simulation (tps = 2016.8 yr). The density (color) and velocity
(arrows) distributions on the y = 0 plane are plotted.
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Figure 4. The absolute value of the z-component of the outflow velocity |vz| is plotted in
color in each panel. The spatial scale differs in each panel. The arrows indicate the velocity
vector. The iso-velocity of |vz| = 10km s
−1 is plotted by the black contour inside which the
outflow velocity exceeds |vz| > 10 km s
−1.
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Figure 5. Time evolution of the low-velocity outflow and high-velocity jet. The density
(color) and velocity (arrows) distributions on the y = 0 plane are plotted. The epoch is
the same in each column, while the spatial scale is the same in each line. The elapsed time
tps after protostar formation and total time t after the initial cloud begins to collapse are
described in the top panel of each column. (A movie is available in the on-line journal.)
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Figure 6. Three dimensional view made from data at the end of the simulation. (a)
Iso-density surface of n = 108 cm−3 is plotted by the red surface. The density and velocity
distributions on x = 0, y = 0 and z = 0 plane are projected on each wall surface. (b)
Iso-velocity surface of vz = 30 km s
−1 (blue) and vz = 3km s
−1 (gray) are added to panel
(a). (c) Magnetic field lines are added to panel (c). (d) Same as in panel (c), but the
viewing angle differs.
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Figure 7. Outflow physical quantities: (a) outflow mass, (b) outflow momentum, (c)
outflow kinetic energy, and (d) outflow momentum flux with different velocity thresholds,
are plotted against the time elapsed after protostar formation.
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Figure 8. Masses of the protostarMps, circumstellar diskMdisk, and outflowMout against
the time elapsed after protostar formation.
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Figure 9. Instantaneous mass accretion (thin blue) and outflow (thin black) rates are
plotted against the elapsed time after protostar formation. The mass accretion (thick blue)
and outflow (thick black) rates averaged over 50 yr are also plotted.
28 M. N. Machida and S. Basu
-50 0 50
x [AU]
-50
0
50
z 
[A
U]
  
 
 
  
 
 
  
 
 
  
 
 
t = 86961.7 [yr] tps = 1925.6 [yr]
8 9 10 11
ejected clumps 
(or knots)
outflow cavity
log n [cm-3]
Figure 10. The density distribution on the y = 0 plane at tps = 1925.6 yr. The ejected
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Figure 11. Plasma beta βp (color) on the z = 0 (left) and y = 0 (right) plane at the end
of the simulation.
10-3
10-2
10-1
1
101
102
103
104
10-1 1 10
r [AU]
tps=108.3 yr
tps=514.1 yr
tps=1012.5 yr
tps=2016.6 yr
Nmag/Ngrav Nth/Ngrav
tps=2016 yr
N
m
a
g/N
gr
av
,
 
 
N
th
/N
gr
av
Figure 12. The ratio of magnetic to gravitational torques Nmag/Ngrav on the equatorial
plane at four different epochs versus the radial distance from the protostar. The ratio of
thermal to gravitational torques Nth/Ngrav at the end of the calculation is also plotted.
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Figure 13. Density (top), velocity (middle), and z-component of magnetic field (bottom)
on the equatorial plane at four different epochs are plotted against radial distance from the
protostar.
